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ABSTRACT
ALMA observations show a non-detection of carbon monoxide around the four
most luminous asymptotic giant branch (AGB) stars in the globular cluster 47 Tu-
canae. Stellar evolution models and star counts show that the mass-loss rates from
these stars should be ∼1.2–3.5 × 10−7 M⊙ yr
−1. We would na¨ıvely expect such stars
to be detectable at this distance (4.5 kpc). By modelling the ultraviolet radiation
field from post-AGB stars and white dwarfs in 47 Tuc, we conclude CO should be
dissociated abnormally close to the stars. We estimate that the CO envelopes will
be truncated at a few hundred stellar radii from their host stars and that the line
intensities are about two orders of magnitude below our current detection limits. The
truncation of CO envelopes should be important for AGB stars in dense clusters. Ob-
serving the CO (3–2) and higher transitions and targeting stars far from the centres of
clusters should result in the detections needed to measure the outflow velocities from
these stars.
Key words: stars: mass-loss— circumstellar matter — infrared: stars — stars: winds,
outflows — globular clusters: individual: NGC 104 — stars: AGB and post-AGB
1 INTRODUCTION
Our understanding of how baryonic matter is recycled from
metal-poor stars back into their host environment currently
faces two major problems: how is mass actually lost from
the stars and what happens to it when it is returned to the
interstellar medium (ISM)?
⋆ E-mail: mcdonald@jb.man.ac.uk
Mass loss from giant stars follows a two-stage pro-
cess. Chromospheric or magneto-acoustically-driven mass
loss occurs during a star’s red giant branch (RGB) and
early asymptotic giant branch (AGB) evolution, when
warm (∼6000 K) plasma is ejected from the surface (e.g.
Dupree et al. 1984; Lim et al. 1998; Lobel & Dupree 2000;
Schro¨der & Cuntz 2005). Although initially faster, this wind
slows to ∼10 km s−1 at the luminosity of the RGB tip
(McDonald & van Loon 2007; Groenewegen 2014). Later, κ-
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Table 1. Published properties of the observed stars.
ID RA Dec r <vLSR> δv δV P L Teff φ
(J2000) (J2000) (′) (km s−1) (km s−1) (mag) (days) (L⊙) (K)
Notes (1) (1) (2) (3) (3) (3) (3) (4) (5) (4) (5) (5)
V1 00 24 12.65 –72 06 39.9 1.87 –14.7 10 4.03 221 4824 4760 3623 3410 0.90
V2 00 24 18.56 –72 07 59.0 3.26 –12.7 12 2.78 203 3031 4470 3738 3620 0.35
V3 00 25 15.96 –72 03 54.8 5.49 –35.2 11.5 4.15 192 2975 4590 3153 3540 0.18
V8 00 24 08.59 –72 03 54.9 0.99 –32.7 8 1.6 155 3583 · · · 3578 · · · · · ·
References: (1) Cutri et al. (2003, 2MASS); (2) 2MASS offset from cluster core (00 24 05.67, –72 04 52.6); (3) average and
semi-amplitude of radial velocities from Lebzelter & Wood (2005); Lebzelter et al. (2005) with a –8.7 km s−1 correction
from heliocentric velocity, plus V -band magnitude pulsation amplitudes (full range) and periods; (4) McDonald et al.
(2011a), based on multi-wavelength literature photometry; (5) Lebzelter et al. (2014), based on instantaneous measure-
ments at the given pulsation phase.
Table 2. Predicted properties of the observed stellar winds.
ID M˙IR v
dust
exp T
max
dust Dust M˙Reimers M˙SC05
(M⊙ yr−1) km s−1 (K) composition (M⊙ yr−1) (M⊙ yr−1)
Notes (1) (1,3) (1) (1) (2) (2)
V1 2.1 × 10−6 4.0 900 Silicate, metallic iron 2.9+1.5
−1.6 × 10
−7 1.1+0.5
−0.6 × 10
−6
V2 1.2 × 10−6 3.8 900 Silicate, metallic iron 2.1+1.2
−1.1 × 10
−7 6+5
−4 × 10
−7
V3 0.9 × 10−6 3.2 1000 Metallic iron only 2.4+1.2
−1.0 × 10
−7 7+5
−4 × 10
−7
V8 1.5 × 10−6 4.0 900 Silicate, alumina, metallic iron, oxides 1.9+0.5
−0.5 × 10
−7 1.0+0.2
−0.3 × 10
−6
References: (1) mass-loss rates, wind expansion velocities, and dust condensation temperatures and mineralogies, based
on modelling dust emission in infrared spectra, fromMcDonald et al. (2011a); (2) based on McDonald & Zijlstra (2015b):
minimum expected mass-loss rates following Reimers (1975) with η = 0.477± 0.070+0.050
−0.062 and Schro¨der & Cuntz (2005,
hereafter SC05) with η = 0.172 ± 0.024+0.018
−0.023 , both assuming M = 0.55 M⊙; (3) expansion velocities neglect any
momentum input other than radiation pressure on dust, based on Nenkova et al. (1999).
mechanism pulsations can levitate material from the star,
enhancing the mass-loss rate (Wood 1979; Bowen 1988).
Strongly linked to this pulsation is the formation of dust
in the denser stellar atmosphere (e.g. Bladh & Ho¨fner 2012;
McDonald et al. 2012, 2014). Radiation pressure on this
dust drives the stellar wind in a cooler outflow, also of typ-
ically ∼10 km s−1, rising with stellar luminosity to ∼20 km
s−1 (e.g. Loup et al. 1993; Marshall et al. 2004). Although
dust production begins at luminosities below the RGB tip
(Sloan et al. 2010; McDonald et al. 2011b,c, 2012), sufficient
radiation pressure to drive the wind is only achieved once
the star reaches ∼1000–5000 L⊙ (e.g. Winters et al. 2000;
Riebel et al. 2010; Ita & Matsunaga 2011; McDonald et al.
2014).
However, the expansion velocities of metal-poor stel-
lar winds are poorly known. The stars are smaller com-
pared to metal-rich stars at the same luminosity, so pulsa-
tions are thought to be weaker (Kjeldsen & Bedding 1995).
The stellar surface resides deeper in the gravitational po-
tential, so material must be levitated further before reach-
ing temperatures where dust can condense. We also expect
the dust:gas ratio will decrease, meaning that the associated
mass-loss rate and velocity enhancements will also decrease.
The transition between a chromospheric and pulsation-
enhanced, dust-driven wind should consequently happen at
a higher luminosity (Winters et al. 2003; McDonald et al.
2011a, 2012). Without measurement of these expansion ve-
locities, however, these theories remain untested. The wind
expansion velocity is an important parameter in deter-
mining mass-loss rates from radiative transfer modelling
of infrared excesses, which is a valuable method of de-
termining the mass of both dust and gas ejected by gi-
ant stars, and the only method currently feasible outside
our Galaxy (e.g. McDonald et al. 2011a; Boyer et al. 2011,
2012; Sloan et al. 2012; Javadi et al. 2013; Jones et al. 2015;
Boyer et al. 2015).
Once material leaves the star it is reprocessed, first by
the interstellar radiation field (ISRF) and then by interstel-
lar shocks. Other unknowns then become important in de-
termining how quickly dust is destroyed, molecules are disso-
ciated, and atoms ionised. Contributing factors include the
star-formation history of the population (setting the UV flux
from high-mass main-sequence, low-mass horizontal-branch
and post-AGB stars), the amount of interstellar dust shield-
ing, and the local stellar density. There is a growing real-
isation that the enrivonment in which stars lie can have
profound effects on their molecular and mineralogical yields
(Zhukovska et al. 2015).
Nowhere is this more strongly felt than globular clus-
ters. The preparation of this work sparked the theory that
ionisation should exert a powerful control over the interstel-
lar environment of globular clusters (McDonald & Zijlstra
2015a). Very strong ISRFs should be generated by post-
AGB stars and the hottest white dwarfs, but the short-lived
nature of these objects means the ISRF is constantly vary-
ing. Not only should these sources be capable of dissociating
and ionising the intra-cluster medium (ICM), but they also
provide the ICM with enough thermal energy that it over-
flows the globular cluster, preventing further star formation.
We now turn our attention to the circumstellar envi-
ronments of globular cluster stars. Many of the above issues
can be addressed by observing (sub-)mm CO lines emanat-
ing from the winds of stars in globular clusters. CO is one
of the first molecules to form as the extended atmosphere of
c© 9999 RAS, MNRAS 000, 1–14
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the star is ejected, and it survives until its dissociation by
the ISRF. This dissociation is mainly by photo-absorption
in molecular lines, hence even in the absence of dust, self-
shielding can be important in protecting CO in stellar winds.
Observationally, the widths of (sub-)mm CO lines provide
a direct measurement of the wind-expansion velocity, while
their strength provides an independent estimate of mass-loss
rate. Their strengths are also affected by the characteristic
radius from the star at which CO is dissociated by the ISRF
(Mamon et al. 1988). Hence, by comparing the strength of
CO lines from stars with known mass-loss rates to model
predictions, we can quantify the strength of the ISRF to
which they are subjected.
In this paper, we report on observations with the Ata-
cama Large Millimetre Array (ALMA) of the four brightest
stars in 47 Tucanae. Section 2 describes these observations,
and defines upper limits to the non-detections we find. Sec-
tion 3 models the expected mass-loss rate from the star, the
size of the CO envelope, and calculate the expected strength
of the CO transitions. This is done under the assumption
that the ISRF is strong dissociating the CO envelope. Re-
sults are discussed in Section 4. Alternative scenarios which
might remove the CO envelopes of our target stars are ex-
plored in the Appendix.
2 OBSERVATIONS
2.1 Target selection
Among the closest and most populous globular clusters is
the intermediate-metallicity cluster 47 Tuc (NGC 104; 4.5
kpc, [Fe/H] = –0.72 dex, M = 1.5 × 106 M⊙; Gnedin et al.
2002; Harris 2010). This cluster was chosen partly be-
cause its stars show a relatively small spread in chem-
ical abundances compared to other clusters of similar
size (Worley et al. 2010; Gratton et al. 2013; Cordero et al.
2014; Cˇerniauskas et al. 2014; Dobrovolskas et al. 2014;
Lebzelter et al. 2014; Thygesen et al. 2014; Johnson et al.
2014), and partly because it contains a well-studied set of
luminous, dusty AGB stars.
The cluster’s variable stars have a unique, long and
well-covered history (Pickering 1894). Infrared photome-
try and spectra have been published at many wavelengths
over many epochs (Glass & Feast 1973; Origlia et al. 1997b;
Ramdani & Jorissen 2001; Origlia et al. 2002). Mid-infrared
spectroscopy of the brightest variables (Lebzelter et al.
2006; van Loon et al. 2006a; McDonald et al. 2011a) show
a mixture of silicate and alumina dust features, and a po-
tential featureless contribution from metallic iron dust (cf.
McDonald et al. 2010). This combination has led to sev-
eral estimates of their dust-production rates (Origlia et al.
2007; Boyer et al. 2010; Origlia et al. 2010; McDonald et al.
2011b,a; Momany et al. 2012). High-resolution optical spec-
troscopy of moderately bright giants suggest relatively slow
outflows from the stellar chromospheres of ∼10 km s−1
(McDonald & van Loon 2007). Near-infrared spectroscopy
(Lebzelter et al. 2014) shows that the brightest stars have
abundances similar to other stars in the cluster. They have
not experienced substantial third dredge-up, and perhaps
have not experienced any third dredge-up episodes.
We present sub-mm CO observations of the four most
Table 3. Properties of the observed stellar winds derived from
the upper limit to the CO(2→1) line flux.
ID CO(2→1) R.M.S. Noise σ
(mJy km s−1) (mJy kms−1)
V1 <183 85 2.1
V2 <168 114 1.4
V3 <170 99 1.7
V8 <162 70 2.3
Notes: Based on CO (2→1) line flux. The root-mean squared
(r.m.s.) noise is the quadrature-summed average flux of a re-
gion of identical width, offset by +100 km s−1 from the ‘de-
tection’. The significance (σ) is the multiple of the r.m.s. noise
by which the line ‘detection’ is above the mean.
luminous, most evolved stars in 47 Tuc. They are denoted
by Sawyer Hogg (1973) as V1, V2, V3 and V8. Previously
published parameters of these stars from the above refer-
ences are given in Tables 1 and 2. In particular, Table 2 gives
the mass-loss rate (M˙IR) and wind velocity (v
dust
exp ) predicted
for a purely radiation-driven wind. McDonald et al. (2011a)
derived these on the basis of radiative transfer modelling of
their infrared spectra using the dusty code (Nenkova et al.
1999) with a radiation-driven wind (density type = 3). In
all four cases, the spectral energy distributions were best
modelled with a mostly metallic iron wind, with some stars
having contributions from amorphous and crystalline sili-
cates, aluminium oxide and iron oxide. Table 2 also gives the
mass-loss rate expected for a purely magneto-acoustically
driven wind, as derived from semi-empirical scaling laws ap-
plied to the cluster’s other stars (M˙Reimers, M˙SC05; see Sec-
tion 3.2).
2.2 ALMA & APEX observations
Observations of 47 Tuc V1, V2, V3 and V8 (see Figure 1)
were carried out using ALMA in receiver band 6 on the
night of 2013 Nov 05 over a 1.05 h integration. Observations
were centred on the 12C16O J = 2→ 1 transition at 230.538
GHz, and were carried out at high precipitable water vapour
(2.8–3.5 mm) but otherwise good conditions. The correlator
output consisted of 3840 channels of 244.141 kHz each. The
data were processed following the standard ALMA quality
assurance calibration and imaging processes. Neptune was
used for amplitude calibration and the quasars J1924–291
and J0102–7546 for bandpass and phase calibration, respec-
tively.
During the ALMA observations the majority of anten-
nae (26 of 29) were positioned within ∼250m of the ar-
ray centre; the remaining three telescopes were at larger
distances (∼530m, ∼790m and ∼1014m). At the imaging
stage of data reduction the visibilities from these three an-
tenna were downweighted1. This was accomplished using the
uvtaper parameter set to True and the outaper option set
to 1.5′′ in CASA’s clean task (McMullin et al. 2007). In
addition to this a restoring beam of 2′′ × 2′′ was also ap-
plied at the CLEANing stage. These techniques were used
1 This provides a trade-off between competing noise sources:
noise is increased by the larger solid angle within the beam, but
additional noise from the poorer phase calibration on longer base-
lines is reduced.
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Figure 1. Map of imaged regions (squares), with the cluster
centre (green + symbol) and pulsars (small blue letters, from
Freire et al. 2003) shown. The large, green asterisk marks the
only significant UV source: an optically bright post-AGB star.
to generate images with a beam more representative of the
antennae in the centre of the array. Imaging additional to
that provided with the ALMA data release was conducted
in CASA using the clean routine to create two data cubes
for each source, one with a binning of ten spectral channels
(channel width: 3.2 km s−1 bin−1) and one with two-channel
binning (0.64 km s−1 bin−1). The pixel scale in both cubes
is 0.15′′ pixel−1.
No line or continuum source is visible in any of the maps
to the depth of the observations. The standard deviation
of the noise in the final images is ∼14 mJy beam−1 per
0.64 km s−1 channel pair for V1, V3 and V8, and ∼16 mJy
beam−1 per channel pair for V2. The shortest baseline (17
m) corresponds to a maximum detectable object size of 15.′′7,
though the CO shells are expected to be unresolved (≈1′′;
Section A1). On-source spectra were extracted using a 3×3
pixel box surrounding the central source.
Figure 2 shows the two-channel-averaged spectra
around the velocity of the cluster. The maximum two-
channel flux for each source is 30, 33, 36 and 37 mJy beam−1
for V1, V2, V3 and V8, respectively. Each spectrum was ex-
amined and found to have noise following a Gaussian dis-
tribution, both on each source and at various points away
from each source. On-source standard deviations in the spec-
tra are 10.2, 11.9, 11.6 and 11.2 mJy beam−1 per 0.64 km
s−1 bin for V1, V2, V3 and V8, respectively.
Additional data were obtained from the Atacama
Pathfinder Experiment (APEX) telescope. A four-hour in-
tegration on 47 Tuc V1 was made in the 345 GHz 12C16O
J = 3 → 2 transition (project identifier: O-092.F-9327A).
Standard reduction of the APEX data was performed at
Onsala Space Observatory before receipt of the data. No
line was detected, with a limiting peak flux of ∼0.1 Jy over
a typical 10 km s−1 bin from the 17.′′3 beam.
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Figure 2. On-source ALMA spectra of the four observed sources
(points), offset by an arbitrary flux level with zero flux lines
shown. The cluster mean velocity is –26.7 km s−1 (Harris 2010)
and the range of radial velocities over the pulsation cycle are
shown as thick horizontal lines (Lebzelter et al. 2005). Lines show
the spectra, boxcar-smoothed by 11, 20, 15 and 7.4 km s−1 for
V1, V2, V3 and V8, respectively. This smoothing corresponds to
the upper mass-loss rate limits quoted in Table 3.
2.3 Results & comparison to previous
observations
Neither the ALMA nor the APEX data showed any con-
vincing indication of spectrally resolved CO emission (e.g.
departure from Gaussian noise centred around zero flux).
The only previous significant CO observations of the
cluster are by Origlia et al. (1997a), who claim a weak CO
(1→0) detection around the cluster’s velocity with a signal-
to-noise ratio of 3. We interpret their peak fluxes as 1.6
Jy, assuming an aperture efficiency for the Swedish–ESO
Sub-millimetre telescope2 (SEST) of 27 Jy K−1. Origlia et
al.’s observing position is not quoted, but assumed to be
α ≈ 00 24 22, δ ≈ −72 05 48, following their offset from
Krockenberger & Grindlay (1995). This is 68′′ from V1,
compared to a full-width half-maximum SEST beam width
of 45′′. In neither dataset do we recover any source com-
parable to the CO (1–0) detection of Origlia et al. (1997a),
though the beam footprint of the SEST observations extends
considerably beyond both the ALMA primary beam of 15.′′7
and the APEX primary beam of 17.′′3.
The CO emission is expected to be spatially unresolved
by ALMA and the mass-loss rate is expected to be suffi-
ciently low that the lines will be optically thin. An unre-
solved, optically thin line will have a rectangular (‘boxcar’)
spectral profile. To identify whether a low-contrast, spec-
trally resolved feature is present in our data, we smoothed
our data using a boxcar function (running average). The
2 http://www.apex-telescope.org/sest/html/telescope-
instruments/telescope/index.html.
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boxcar was given different central velocities, from vLSR =
−50 to 0 km s−1, and different widths, from 1.27 km s−1 to
85 km s−1 (4–133 channels).
Typical expansion velocities for dust-producing stars in
the Milky Way are∼10–20 km s−1, and are typically ∼10 km
s−1 for stars producing little dust (e.g. Scho¨ier & Olofsson
2001; Danilovich et al. 2015). We presume the expansion
velocity is vexp < 20 km s
−1, and that the centre of the
emission line is Doppler shifted by no more than 5 km s−1
from the average radial velocity of the star. The limits to
the velocity-integrated CO line strength are typically below
<200 mJy km s−1, with a typical 1σ uncertainty being ∼100
mJy km s−1 (see Table 3). The boxcar-smoothed spectra
producing these maximum fluxes are shown in Figure 2.
The mean photospheric radial velocities and their
pulsation-induced variation are listed in Table 13. The high-
est flux in the V1 and V8 spectra is within 10 km s−1 of
the mean photospheric velocities of the stars as published
by Lebzelter et al. (2005). These may indicate a tentative
detection of the CO line, but we do not consider them reli-
able as they are only at the 1.3 and 2.1σ confidence levels,
respectively.
3 THE EXPECTED CO LINE FLUX
3.1 The CO flux under Galactic ISRF condtions
Our observations were carried out under the na¨ıve assump-
tion that the envelopes of our target stars behave as Galac-
tic stars do. In this section, we show that we could expect a
similar Galactic star to be observable at the distance of 47
Tucanae. This provides a baseline to which we can compare
our final model.
Olofsson (2008) provides an estimate of the peak CO(2–
1) line flux from an evolved star, namely:
SCO(2−1) ≈ 6
(
M˙
10−6
)1.2 (
15
ve
)1.6(f(CO)
10−3
)0.7 (
1
D
)2
Jy(1)
where M˙ is the mass-loss rate in M⊙ yr
−1, ve is the expan-
sion velocity in km s−1, fCO is the ratio of CO to H2, and
D is the distance in kpc (D = 4.5 kpc). From Table 2, we
can modestly expect M˙ ≈ 2 × 10−7 − 2 × 10−6 M⊙ yr−1,
depending on the star and the method used. If we assume
M˙ > 3 × 10−7 M⊙ yr−1 (appropriate for V1), a canonical
ve = 10 km s
−1 and fCO = 4 × 10−5 (based on scaling a
canonical 2 × 10−4 (Ramstedt et al. 2008) by the metallic-
ity of 47 Tuc, which is a fifth of solar metallicity), we obtain
a peak flux of >14 mJy. Assuming a boxcar profile gives
an integrated intensity of >280 mJy km s−1, which is still
greater than our upper limit.
Olofsson (2008) also predicts that the CO(3–2) flux
should be around twice as strong. A less conservative value
of M˙ = 10−6 M⊙ yr
−1 produces 1200 mJy km s−1 for the
CO(2–1) line, implying 2400 mJy km s−1 for the CO(3–2)
line, or 1.2σ in our APEX observation.
3 Note that the velocities published by Lebzelter et al. (2005) are
given as heliocentric velocities (T. Lebzelter, private communica-
tion), although this is not explictly stated in the text. A correction
of –8.7 km s−1 has been applied.
Much depends on the exact values used in the equa-
tion above, as well as the accuracy of the formula itself.
Stars in globular clusters exist in environments unlike the
well-studied stars in the Solar Neighbourhood. In particu-
lar, it has recently been shown that the ISRF is considerably
stronger and harder (McDonald & Zijlstra 2015a). This will
have a substantial impact on the size of the CO envelope and
the line flux emitted from it. In this section, we re-evaluate
the expected CO line fluxes from these stars by creating a
photochemical dissociation model for V1. We consider other
factors peculiar to globular clusters in the Appendix, but
find that they have little impact.
3.2 Expected mass-loss rates
3.2.1 Expected mass-loss rate from chromospheric physics
In general, mass-loss rates of stars without dust-driven
winds are comparatively well determined and have been pa-
rameterised into scaling relations. Two common formalisms
which are frequently adopted are the emprical formalism of
Reimers (1975) and its semi-emprical modification by SC05.
In these formalisms, the mass-loss rate is scaled by an effi-
ciency factor, η. In terms of observable units, they can be
written as:
M˙R = 4× 10−13ηR L
1.5
MT 2∗
, (2)
and:
M˙SC = 4× 10−13ηSC L
1.5
MT 2∗
(
T∗
0.6925
)3.5(
1+
L
4300MT 4∗
)
, (3)
where the luminosity, mass and temperature (L, M , T∗) are
all scaled to solar units and the mass-loss rate is in M⊙
yr−1. Throughout a large sample of Milky Way globular
clusters, McDonald & Zijlstra (2015b) compared the mass
lost between the main-sequence turn-off and the horizontal
branch and compared it to theoretical isochrones at fixed η.
This fixes η around the point where mass loss is strongest,
close to the RGB tip. From these, the following efficiency
parameters were derived for the median stars in globular
clusters:
ηR = 0.477 ± 0.070+0.050−0.062 , and
ηSC = 0.172 ± 0.024+0.018−0.023 . (4)
where each value is given with its respective statistical and
systematic error4. From these, we derive the minimum mass-
loss rates listed in Table 2 of M˙Reimers ≈ 2 − 3 × 10−7 M⊙
yr−1 and M˙SC05 ≈ 7 − 11 × 10−7 M⊙ yr−1. These values
are appropriate for ‘stable’ stars, without extra energy from
pulsations or radiation pressure on dust. While the interplay
of pulsations on transfer of magneto-acoustic energy to the
chromosphere is poorly determined, we would expect these
values to provide a lower limit to the mass-loss rate from
pulsating, dusty AGB stars.
4 Heyl et al. (2015) model diffusion of AGB stars in 47 Tuc, ar-
guing for a lower η on the RGB (ηR ≈ 0.1), and a higher η on the
AGB (ηR ≈ 0.7). This would increase the predicted mass-loss rate
for our targets. Private communications with Heyl et al. have not
identified the source of the discrepancy. Lebzelter & Wood (2005)
also argue for a slightly smaller ηR ≈ 0.33, on the basis of the
stellar period–luminosity diagram.
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3.2.2 Expected maximum rate from stellar evolutionary
arguments
The mass lost from an AGB star during the last part of
its life must not exceed the envelope mass of the star at
the beginning of that period. Low-luminosity AGB stars are
not easily seperable from RGB stars. AGB stars can only be
uniquely identified once they exceed the luminosity of the
RGB tip. If we can determine both the remaining lifetime
of an AGB star passing the luminosity of the RGB tip, and
the envelope mass it has when it does so, the quotient of the
two should yield the average mass-loss rate of AGB stars
above the RGB-tip luminosity.
The time spent above the RGB tip is relatively easy
to compute. Our four stars lie above the RGB of 47 Tuc.
For the purposes of these calculations, we also include the
fifth-brightest star in the cluster. V4 is a probable AGB
star at the luminosity of the RGB tip (see the Hertzsprung–
Russell diagram presented by McDonald et al. 2011a). Like
its brighter counterparts, it shows long-period pulsations
and an infrared excess, consistent with circumstellar dust
production. Assuming there are typically 5 ±
√
5 stars
above the cluster’s RGB tip, and taking an evolutionary
rate of one star passing the RGB tip every 80 000 years
(McDonald et al. 2011a), these five stars should represent
the last 0.40 ± 0.18 Myr of AGB evolution in the cluster.
The envelope mass at the luminosity of the RGB tip is
more difficult to calculate. Gratton et al. (2010) determine
zero-age horizontal branch (ZAHB) star masses in 47 Tuc.
Their ground-based measurements suggest the ZAHB star
mass ranges from 0.629 M⊙ to 0.666 M⊙, with a median of
0.648 M⊙, but they also include masses derived from Hubble
Space Telescope (HST) photometry, which range from 0.650
M⊙ to 0.691 M⊙, with a median of 0.674 M⊙. We assume
these stars will end their lives as a 0.53 M⊙ white dwarf,
based on measured masses of white dwarfs in other clus-
ters (Richer et al. 1997; Moehler et al. 2004; Kalirai et al.
2009). These masses imply that ∼0.12 M⊙ or ∼0.16 M⊙ is
lost during the entire horizontal branch and AGB evolution,
including that below the RGB-tip luminosity. Assuming the
limiting case of losing 0.16 M⊙ over 221 000 years, the av-
erage mass-loss rate for stars above the RGB tip of 47 Tuc
must be <7 × 10−7 M⊙ yr−1.
A more limiting case is reached if we can estimate the
envelope mass at the luminosity of the RGB tip itself. Calcu-
lating the mass lost between the zero-age horizontal branch
up the AGB to the luminosity of the RGB tip is not triv-
ial. The evolutionary track used by McDonald & Zijlstra
(2015b) was designed to reproduce the RGB and HB of 47
Tucanae. This track was generated with the mesa (Modules
for Experiments in Stellar Astrophysics) stellar evolution
code (Paxton et al. 2011, 2013). Mass loss was included at
the rate of ηR = 0.45, reproducing a ZAHB mass of 0.666
M⊙ after 12.02 Gyr. The model loses a further 0.067 M⊙ be-
tween the ZAHB and the point where the star reaches the
same luminosity as the RGB tip (i.e. the same luminosity as
V4). Taking the limiting case of the HST -derived mass of
0.674 M⊙, a total mass at the luminosity of the RGB tip of
0.607 M⊙ is implied, giving an envelope mass of ∼0.077 M⊙
and limiting the average mass-loss rate to <3.5 × 10−7 M⊙
yr−1. In contrast to the mass-loss rate in the previous para-
Table 4. Modelled ISRF incident on each star at 1076 A˚, relative
to the flux in the Solar Neighbourhood from Jura (1974, 162 000
photons cm−2 s−1 A−1). The centile probabilities approximate
the best estimate, 1-σ, 2-σ and full ranges of the modelled fluxes.
Star 1076 A˚ ISRF strength at given centiles
0 2.25 15.85 50 84.15 97.75 100
V1 1.4 1.8 7.0 49 102 170 256
V2 0.55 0.65 3.6 19 37 59 87
V3 0.31 0.47 2.6 9.0 22 124 483
V8 4.3 5.2 14 135 315 551 858
graph, this mass-loss rate requires that Reimers’ mass-loss
formula is appropriate for early-AGB stars.
3.2.3 Summary
Reimers’ scaling law5 provides a lower limit to the mass-loss
rates for pulsating AGB stars, implying an average mass-
loss rate for our four stars of >2.3 ± 1.1 × 10−7 M⊙ yr−1.
Stellar evolution models, pinned by the mass of HB stars
(Section 3.2.2) suggest an upper limit of <3.5 × 10−7 M⊙
yr−1. We can therefore expect the mass-loss rate from our
four observed stars to lie in the range 1.2–3.5 × 10−7 M⊙
yr−1.
This predicted mass-loss rate is estimated to produce
a CO line flux within the noise limit of our observations.
However, the average predicted mass-loss rate is much less
than the average of 1.4 × 10−6 M⊙ yr−1 derived from these
stars’ infrared spectra6, although the infrared-based rates
do come with a sizeable and poorly quantifiable uncertainty.
These infrared-based mass-loss rates assumed slow (2–4 km
s−1) winds, accelerated only by radiation pressure on dust;
faster (>∼10 km s
−1) winds would increase the calculated
mass-loss rate.
3.3 The interstellar radiation field (ISRF)
The radiation environment within globular clusters differs
from that in the Solar Neighbourhood (McDonald & Zijlstra
2015a). The ionised hydrogen and lack of interstellar dust
within globular clusters reduces the opacity for ionising pho-
tons. Ionising sources are mainly post-AGB stars and white
dwarfs, rather than the O and B stars of the Solar Neigh-
bourhood. This leads to a much harsher ISRF than is typi-
cally assumed.
The ISRF of 47 Tuc was modelled in detail by
McDonald & Zijlstra (2015a). The ISRF can vary consid-
erably, as the presence of very hot post-AGB stars in the
cluster is stochastic. Many of the hottest post-AGB stars
and white dwarfs in the cluster remain unobserved. We must
5 This process can be repeated with the SC05 scaling law, which
predicts an average of >8.5 ± 4.3 × 10−7 M⊙ yr−1 for our stars.
This is inconsistent with the <3.5 × 10−7 M⊙ yr−1 provided
by the evolutionary analysis. This suggests the SC05 law is not
appropriate for this particular situation.
6 Note that these assume a dust-to-gas ratio of 1:1076. The metal-
licity of 47 Tuc limits the abundance of refractory elements such
that the true dust-to-gas ratio should not be closer to unity than
1:778 (McDonald et al. 2011a).
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Figure 3. The ISRF estimated for each star. The line denotes
the best-estimate, time-averaged value, with lightening colours of
grey representing the 68.3, 95.5 and 100th centile ranges. The
ISRF in the Solar Neighbourhood (as assumed by Mamon et al.
1988) is shown as the dotted green line.
therefore rely on stellar evolution models to describe the typ-
ical ISRF within 47 Tuc and its temporal range.
To compute the ISRF impinging on each AGB star,
we have created a three-dimensional model of the cluster.
We begin with the catalogue from McDonald et al. (2011b),
which contains the two-dimensional (RA–Dec) position of
almost every post-main-sequence source in the cluster up to
the early post-AGB phase. We assume this is also represen-
tative of the distribution of more-evolved, hotter post-AGB
stars. For each catalogued source, we assign a physical depth
within the cluster. Assuming an Earth-to-cluster distance of
4500 pc, we randomly select a source nearby in right as-
cension to each star and use the declination of the random
source to assign a radial distance from the cluster centre for
each target source. This creates a stellar distribution with
the same radial density profile as the density profile in decli-
nation, approximating a spherically symmetric distribution.
We then take the post-AGB stellar evolution model of
McDonald & Zijlstra (2015a), following the emitted spec-
trum as it evolves through its upper-AGB, post-AGB and
hot-white-dwarf evolution. We follow the evolution of each
of our model sources in time, randomly forcing one of our
sources to undergo this post-AGB evolution with an average
of once per 80 000 years (the stellar evolution rate accord-
ing to McDonald et al. 2011b). Summing the modelled flux
from these sources at the locations of our four target stars,
we obtain the integrated interstellar radiation field imping-
ing upon them.
This model was run 100 times, in order to simulate dif-
ferent radial distributions of the radiation sources and ob-
served targets. For each run, the evolution was followed for
106 years to quantify the time variability of the radiation.
Figure 3 shows the ISRF, averaged for each source over
all runs and all times. For comparison, the figure also shows
the Solar Neighbourhood ISRF used by Mamon et al. (1988,
originally from Jura 1974). The radiation field in the 914–
1120 A˚ region (normally associated with CO dissociation) is
typically many times higher than the Mamon et al. (1988)
value, and it is also considerably harsher.
3.4 Modelling the outer CO shell radius
3.4.1 A crude estimate
CO in the circumstellar environment has some self-shielding,
but most shielding comes from circumstellar dust and H2,
as shown by Mamon et al. (1988, their figure 2). At some
depth the atmosphere becomes optically thick to incoming
or outgoing radiation, forming the photosphere, or τ = 1
layer. In mass-losing stars, particularly at short wavelengths,
the τ = 1 layer is wavelength dependent, depending on the
shielding within the wind. Dissociation can therefore take
place in an unshielded environment, if the time to intercept
a UV photon is large compared to the time taken to reach
the τ = 1 layer, or a shielded environment if it is smaller.
If shielding is not important, the CO dissociation ra-
dius will be limited simply by the average time it takes a
CO molecule to encounter an interstellar UV photon, and
the CO dissociation radius around metal-poor stars should
be very similar to metal-rich stars. If the shielding is impor-
tant, CO will be dissociated close to the τ = 1 layer, and
the dissociation radius around metal-poor stars should be
smaller. However, it cannot become much smaller before H2
becomes the dominant shielding mechanism. In either case,
we expect metallicity to only have a second-order effect on
the CO dissociation radius, and that the primary effect will
be the strength of the ISRF. For a Solar-Neighbourhood
ISRF, we would expect the 47 Tuc stars have CO envelopes
filled to ∼0.013–0.023 pc (Section A1). A stronger ISRF will
dissociate CO proportionally more quickly, so the dissocia-
tion radius should be inversely proportional to the ISRF
strength.
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Figure 4. Radial properties of the toy photo-chemistry model.
This model does not include heating by the central star, hence the
difference between the temperature profiles in the bottom panel.
The primary contribution to CO dissociation is nor-
mally the 1076 A˚ band (Mamon et al. 1988), though the
harder radiation field may change this in our case. The po-
tential range in ISRF strength is large (Table 4) and is con-
siderably greater for the stars closer to the cluster centre
(V1, V8) than stars on the cluster’s outskirts (V2, V3).
Taking the 1σ ranges for the potential variation in ISRF,
we compute a typical range of CO envelope outer radii of
∼4 × 10−5 – 0.008 pc, or 8–1800 AU. This does not for
changes in the (self-)shielding of CO or the harder ISRF,
and implies CO may be dissociated very close to the stel-
lar surface (<∼10 R∗) at certain times. If the wind remains
optically thin below these heights, there may be substantial
CO dissociation within the dust-formation shell (2–10 R∗)
around these stars. More typically, however, we would ex-
pect 90 per cent of the CO to be dissociated by ∼100 AU
(∼120 R∗) in V1, and ∼30 AU (∼40 R∗) for V8.
3.4.2 A simple model
To get a simple estimate of the abundance of CO that could
be expected in a high-UV-field, metal-poor environment we
set up the following toy model, which we base on 47 Tuc V1.
We used the moving-mesh code arepo (Springel 2010). Our
version of the arepo code has been modified to include time-
dependent chemistry as presented by Smith et al. (2014) (for
full details see Glover (2007) and Glover & Clark (2012)).
The CO abundance is calculated assuming that the CO for-
mation is limited by an initial radiative association step, and
that the CO destruction rate is primarily through photodis-
sociation. The gas is shielded from the ambient radiation
field by dust and gas self-shielding, which we calculate using
the approach of Clark et al. (2012).
The physical model consists of an expanding shell of gas
with a total mass of 9 × 10−4 M⊙, following a M(r) ∝ r−2
power law, starting from the assumed stellar surface at R∗ =
1.3 × 1013 cm = 0.87 AU. The entire envelope corresponds
to the mass ejected over 3000 yr7 at a mass-loss rate of 3
× 10−7 M⊙ yr−1. The gas initially follows a T (r) ∝ r−0.4
power law (e.g. Groenewegen 2012) with the inner surface
corresponding to the temperature of the stellar photosphere,
taken to be 3517 K.
In this oxygen-rich environment, the fractional abun-
dance of CO is determined by the carbon abundance: [C/Fe]
= –0.13 ± 0.20 dex (Roediger et al. 2014). The carbon abun-
dance varies between [C/Fe] ∼ –0.5 dex for a few CNO-
processed stars to [C/Fe] = 0.0 dex for the majority of
the stellar population (Briley et al. 2004). We use [Fe/H] =
−0.72 dex, following Harris (2010), and [C/H] = –0.72 dex to
conservatively model the carbon-rich end of the population.
We assume a dust-to-gas ratio of 1:1000 (McDonald et al.
2011a), and [O/H] = –0.57 dex (Roediger et al. 2014). The
envelope is initially fully molecular, with all its carbon in
the form of CO.
The CO abundance relative to protons was tracked just
inside the inner boundary of the expanding shell, represent-
ing an expanding region of gas in a dynamic envelope. The
code assumes an external UV field with a spectrum equiva-
lent to that seen in the Solar Neighbourhood (Draine 1978),
but with a flux that is 50× higher (i.e. 50 Habing units8; see
Section 3 and Table 4).
This model includes several important simplifications,
which generally lead to an overestimate of the CO abun-
dance, and an overestimate of the CO dissociation radius.
The most important of these assumptions are:
• The adoption of an ISRF from the Solar Neighbour-
hood, scaled upwards by a factor of 50 to the expected time-
averaged flux of the ISRF in 47 Tuc at 1076 A˚. The UV field
in globular clusters also contains harder UV photons, which
will lead to more rapidly dissociated CO, and is likely to
result in significant quantities of CO+, or even CO++.
• A lack of radiative heating from the central star, and
a lack of thermal heating by circumstellar dust (collisional
heating is included). This means the temperature of the CO
envelope is colder than we expect (Figure 4), protecting the
CO in lower ro-vibrational states. Figure 2 of Mamon et al.
7 This value was chosen to be sufficiently larger than the typical
envelope filling time of similar stars under solar-neighbourhood
conditions (∼1300–2200 yr; Section A1). The exact radius and
time are not critical to the results.
8 A Habing unit is the integrated flux between 912 and 1110 A˚
in the Solar Neighbourhood, i.e. 1.6× 10−3 erg s−1 cm−2
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Table 5. Parameters used in the CO line flux models
Parameter Symbol Unit Value
Used in both the arepo+photochemical model and smmol
Gas temperature[1] ... ... T∗
(
R
R∗
)−0.4
Dust:gas ratio[2,3] ... ... 1:1000
Initial CO/H2 ... ... 5.33× 10−5
Used in the arepo+photochemical model
Outflow velocity ... km s−1 10
Wind density at R∗ ... cm−3 2.63× 109
Wind density law ... cm−3 n0
(
R
R∗
)−2
Mass-loss rate ... M⊙ yr−1 3× 10−7
Dust condensation Rcond cm 1.23× 10
13
Dust temp. at Rcond ... K [4]
ISRF ... Habing 50
Used in smmol
Stellar radius[2] R∗ cm 1.23× 1013
Stellar spectrum ... ... [2]
Stellar mass M∗ M⊙ 0.55
Stellar luminosity L∗ L⊙ 4824
Stellar Teff T∗ K 3623
Dust condensation[2] Rcond cm 2.46× 10
13
Dust temp. at Rcond ... K 850
[2]
Dust composition ... ... [2]
Notes: [1] The photo-chemical model does not include the cen-
tral star so the gas cools radiatively. Heat exchange with dust
is implemented, but dust and gas heating by the central star
are not, so the ejecta cools radiatively. Smmol resets the tem-
perature structure to this assumed power law. [2] Following
McDonald et al. (2011a). [3] Based on scaling a solar value of
1:200 by [Fe/H] = –0.72 dex. The ratio is limited by condensable
metals to <1:778 (McDonald et al. 2011a). [4] As parameterised
by kinetic temperature law.
(1988) shows that halving the CO excitation temperature
has a small but noticeable effect on CO shell size.
Figure 4 shows the abundance of CO relative to pro-
tons as a function of dynamic radius. At the stellar surface,
the carbon is entirely bound in molecules, with a CO:proton
ratio of 2.67 × 10−5. The abundance drops rapidly with dis-
tance due to photodissociation by the ambient UV field. By
a radius of 2.8 × 1015 cm (0.00092 pc, or 218 R∗), 90 per
cent of the CO has been dissociated. This represents a shell
∼22× smaller than predicted by Mamon et al. (1988) for
a similar Galactic star. Bearing in mind the simplifications
above, we can expect the shell size to be smaller still, sug-
gesting a close to inverse relation between ISRF strength
and CO shell size.
3.5 Predicting the CO line fluxes
Millimetre/sub-mm CO lines at these mass-loss rates are op-
tically thin (e.g. Ramstedt et al. 2008). Given the r−2 den-
sity law of our wind, we can expect the CO line flux to
scale with the shell size, such that the CO line flux should
be ∼22× lower than predicted by Ramstedt et al. (2008)
for a star losing mass at 3 × 10−7 M⊙ yr−1. Other fac-
tors are important, notably the temperature structure of
the atmosphere, which controls the rotational level popu-
lations of CO. We have therefore predicted line strengths
from our envelope using the smmol radiative transfer code
(Rawlings & Yates 2001). Table 5 lists the parameters used
in the model.
3.5.1 SMMOL
Smmol is a spherical-geometry, non-LTE radiative trans-
fer code which solves level populations with the ac-
celerated lambda iteration (ALI) scheme, described
by Rybicki & Hummer (1991) and Scharmer & Carlsson
(1985). It relies on a discrete spatial grid and ray tracing
for radiation transfer and is optimised for high-optical-depth
regimes.
Smmol adopts dust properties from McDonald et al.
(2011a), which uses the Dusty radiative transfer code
(Nenkova et al. 1999) to model the spectral energy distri-
bution of V1. This model uses a grain mixture of 88 per
cent metallic iron (Ordal et al. 1988) and 12 per cent sili-
cates (Draine & Lee 1984), surrounding a star modelled by a
bt-settl model atmosphere spectrum (Allard et al. 2003).
The gas temperature structure was taken from our photo-
chemical modelling results. An accelerating wind was used,
with a velocity at the inner region of 8 km s−1, and a ter-
minal velocity of 11 kms−1, to mimic radiative acceleration
of dust. This lowers the optical depth of the profile but, as
our stars have low mass-loss rates, the resulting line flux dif-
fers negligibly from a constant 10 km s−1 wind. A turbulent
velocity of 2 kms−1 was adopted. Table 5 lists a full set of
physical parameters.
Smmolmodelled the observation as observed by a single
250-metre telescope with a perfect Gaussian beam. The CO
envelope (0.′′05) remains a point source at this resolution
(1.′′07), such that the conversion from antenna temperature
to flux units (Janskys) represents the flux from the entire
source as observed by ALMA.
3.5.2 Results
Table 6 lists the resulting line fluxes from smmol. Smmol
clearly predicts line strengths below the upper limits of our
observations, showing that photo-dissociation explains well
our non-detection of the CO emission from these stars.
We stress that these fluxes are only order-of-magnitude
estimates, as many wind parameters are not accurately
known. The line flux is strongly affected by the tempera-
ture structure of the inner stellar wind. We have adopted a
simple power law for our model, but the physical tempera-
ture will be significantly affected by the dust properties. The
dust properties of our target stars are not well known, partic-
ularly the grain mineralogy, grain size and dust-production
rate, though they are likely very different from AGB stars
in the Solar Neighbourhood (McDonald et al. 2011a). This
uncertainty therefore translates into a considerable uncer-
tainty on the CO line strengths. When combined with the
time-variability of the ISRF (Section 3.3), which can ex-
ceed an order of magnitude, it becomes clear that we are
limited to stating that the line fluxes will scale very approx-
imately with ISRF strength, and that we would typically
expect them to be below the sensitivity limit of our obser-
vations.
4 DISCUSSION & CONCLUSIONS
In this paper, we have presented new ALMA observations of
the four brightest stars in the globular cluster 47 Tucanae,
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Table 6. Predicted line fluxes from the photo-chemical model of
V1. Note these are conservatively bright estimates.
Line Observational Predicted line fluxes
limit from smmol
(mJy km s−1) (mJy kms−1)
J = 4→3 · · · 16
J = 3→2 <
∼
2000[1] 6.1
J = 2→1 <183 ± 85[2] 2.6
J = 1→0 · · · 0.1
1APEX, 2ALMA. See Section 2.3.
examining the CO J = 2 → 1 transitions. No source was
detected. Having modelled the interaction between the ISRF
and the circumstellar enviroment, we expect that the CO
line fluxes from the giant stars in 47 Tuc are around two
orders of magnitude below our observation limit.
For any given globular cluster giant, if the wind is opti-
cally thin, then the radius of CO dissociation should exhibit
an approximately linear relation with metallicity and an ap-
proximately inverse relation with ISRF strength (Section 3).
The radiation field should be highly stochastic, driven by
the temporally variable population of hot white dwarfs. The
population of young white dwarfs is not well determined
in most clusters, therefore it is not immediately possible to
identify which clusters will be the best candidates for ob-
servation. However, the ISRF can be expected to vary by
several orders of magnitude within a cluster, both tempo-
rally and spatially (Table 4). Targets far from the cluster
centre may experience radiation fields that are weaker than
those in the Solar Neighbourhood (though they will still con-
tain harder radiation). Giant stars at large distances from
their host clusters’ centres may therefore provide the best
metal-poor stars around which to detect stellar winds and
measure their expansion velocities. Table 4 indicates that V2
and V3 may occasionally experience ISRFs that are weaker
than the Solar Neighbourhood. While this seems not to be
the case at present, we can hope that a similar situation can
be found in other Milky Way globular clusters.
Since the higher stellar density forces the CO envelopes
to be smaller than their Galactic counterparts, the CO(3–
2) line (or higher rotational states) may be considerably
brighter than CO(2–1), as these are better populated in the
warmer regions close to the star (Table 5). We therefore
suggest observations to detect CO line strengths and widths
from globular cluster stars focus on:
(i) stars at large radii from their host clusters and
(ii) high CO rotational states emitted closer to the star.
We also advocate further observations of the cir-
cumstellar dust. Unexpectedly large amounts of dust are
seen around many globular cluster stars (Sloan et al. 2010;
McDonald et al. 2010, 2011a). Their spectra have strong sil-
icate features (Lebzelter et al. 2006; van Loon et al. 2006a;
McDonald et al. 2011a), but also an underlying continuum,
possibly explained by metallic iron (McDonald et al. 2010).
This contrasts with the notable absence of interstellar dust
within clusters (Boyer et al. 2008; Matsunaga et al. 2008;
McDonald et al. 2009; Boyer et al. 2009; Barmby et al.
2009), and suggests dust is being destroyed while still in
the circumstellar environment. The highest-energy photons
(∼40 eV, ∼300 A˚) are likely to penetrate into the dust-
forming regions. While they are of insufficient number to
dissociate a large fraction of CO in this region, they may
still be important in the photo-chemical formation of dust.
Finally, we note that this situation is unlikely to be
limited to globular clusters. The dissociation of CO around
AGB stars by nearby post-AGB stars and white dwarfs is
largely a function of stellar density (although stellar age,
elemental composition and the density of the surrounding
ISM are also important). This source of CO dissociation
may also become important in old open clusters, nuclear
star clusters, and gas-poor galaxies. The implications for
the formation, chemistry, evolution and survival of dust in
such environments are significant.
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APPENDIX A: OTHER PROCESSES
AFFECTING THE STELLAR ENVELOPE
In the main text, we have shown that photo-dissociation of
CO by interstellar UV radiation is a significant mechanism
which reduces the CO envelope size. In this Appendix, we
consider whether alternative processes acting on globular
cluster stars may also affect the size of the CO envelope.
A1 Envelope size, filling time and resolution
In determining the effect of other processes, the relevant size-
scales and time-scales must be compared to the extent and
filling time expected for the CO envelope. In this section,
we determine what those would be for an AGB star with
the properties of those in 47 Tuc but with a Galactic ISRF
incident upon it. We also examine the possibility that the
CO might be resolved by the ALMA interferometer.
The limiting size of a CO envelope in a Galactic en-
vironment is usually set by its dissociation by the ISRF.
Mamon et al. (1988, their figure 3) predict that 90 per cent
of the CO in the envelope of a Galactic AGB star with a
mass-loss rate of a few × 10−7 M⊙ yr−1 will be dissociated
by a radius of ∼0.013–0.023 pc. This equates to ∼0.6′′–1.1′′
at the distance of 47 Tuc. Assuming a typical wind veloc-
ity for less-evolved stars of 10 km s−1 (Winters et al. 2003;
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Groenewegen 2014), a typical CO envelope would therefore
be filled within 1300 to 2200 years. If CO is more rapidly
dissociated by interstellar UV, we can expect the radius to
be smaller and the filling time to be correspondingly shorter.
This would preclude a much larger envelope, which
could be resolved by the ALMA beam. Since the winds are
optically thin, the dissociation radius is mainly set by the
time taken for a CO molecule to absorb a UV photon. A
faster wind may therefore lead to a larger envelope, but the
velocity and envelope size will not be directly proportional.
Larger envelopes will be less self-shielding, as the optical
depth in the dissociating lines will decrease. It is unlikely
that an envelope could reach the velocity needed to extend
beyond the 2′′ ALMA beam (>∼20 km s
−1), and virtually im-
possible for it to reach the >∼60 km s
−1 needed to be diluted
by a sufficient factor that it becomes unobservable in the
central beam. This would still be detectable by the larger
15.7′′ × 15.7′′ box, so we consider it very unlikely that the
large-scale structure of our envelopes are resolved by the
ALMA interferometer.
A2 Episodic or variable mass loss
If mass loss is episodic or variable, it is feasible that we
could see strong mid-IR emission from recent dust produc-
tion near the star, while the CO envelope further from the
star traces a period of lower mass-loss rate. Given the chro-
mospheric and CO mass-loss rates are discrepant by a factor
of ∼10 in each case, any variability or episodic nature must
be correspondingly large, i.e. a mass-loss rate variation of
10× or, alternatively, mass loss occurring only 10 per cent
of the time. While the chances of finding any four stars going
through this state is high, the chances of finding four partic-
ular stars (in this case the most luminous) simultaneously
going through an episode of enhanced mass loss is therefore
∼104:1 against.
This probability only holds if the enhancement in dust
production is uncorrelated with stellar luminosity. Such a
correlation occurs, for example, during the bright phase of
a thermal pulse. Girardi et al. (2010) model the thermally-
pulsating (TP) phase of a globular-cluster-like AGB star to
be ∼1.2–1.8 Myr in length. If a star leaves the AGB every
80 000 years (McDonald et al. 2011b), this lifetime equates
to 15–23 stars on the TP-AGB, four of which we observe, the
remainder of which will be at luminosities at or below the
RGB tip. The bright phase of a thermal pulse is relatively
short compared to the pulse cycle: ∼0.3 per cent (Herwig
2005). The chances of a particular star being in the bright
phase of a thermal pulse are therefore ∼0.3 per cent, and
the chances for four such stars are ∼1 in 12 billion.
A3 Self-destruction by chromospheric heating
and/or stellar UV
Although CO bands are present in the near-IR spectra of
these stars (Lebzelter et al. 2005), it is possible that they
could produce enough UV photons to destroy their own CO
envelopes. Metal-poor stars are warmer than their solar-
metallicity counterparts due to reduced metal-line opacity
in their atmospheres. Escaping stellar UV could lead to the
destruction of CO near the stellar surface. A BT-Settl
model atmosphere (Allard et al. 2003) at 4000 L⊙ and 3300
K emits 3× 1025 photons per second below the 1120-A˚ CO
photo-dissociation limit. By comparison, a mass-loss rate of
3.4×10−7 M⊙ yr−1 and efficient condensation (i.e. a CO:H2
mass ratio of 1:500) yields 3× 1041 CO molecules produced
per second. Many more CO molecules are produced than
there are UV photons to dissociate them.
While the BT-Settl atmospheres do not model chro-
mospheric or shock heating in the outer atmosphere, the
heating cannot compensate for the factor of 1016 between
the modelled number of ionising photons and number re-
quired to dissociate all the CO the star produces. Assum-
ing a typical wavelength of 1105 A˚, 3 × 1041 photons pro-
vide an energy of 8× 1020 W, or 10−14 W m−2 as observed
from Earth. Escaping photons would therefore be easily de-
tectable in the GALEX FUV filter for all realistic spectral
energy distributions. None of the four sources is present in
catalogues from the satellite9, which is complete over 47 Tuc
to a far-UV AB magnitude of ≈20.0 (≈1 × 10−16 W m−2),
approximately two orders of magnitude more sensitive than
would be necessary to detect such a UV field.
Reduced metal-line and dust cooling in pulsation-driven
shocks presumably mean that the post-shocked gas further
out in the atmosphere also cools more slowly, leading to more
effective dissociation of CO further from the stellar surface.
However, observations show the expected column depths of
CO absorption lines in the H-, Ks- and (archival) L-band
VLT/CRIRES data (Lebzelter et al. 2005), indicating that
CO must survive to at least a few stellar radii. The observed
CO absorption and lack of observed UV emission from these
stars means that self-destruction of CO by the stars that
produce it appears unlikely.
A4 Stellar encounters
Stellar encounters are common in globular clusters, and are
thought to be responsible for a lack of planets and binary
stars, and a prevalence of stellar exotica (Gilliland et al.
2000; Davies & Sigurdsson 2001; Weldrake et al. 2005;
Knigge et al. 2008; Spurzem et al. 2009). While stellar en-
counter rates have previously been computed for 47 Tuc,
published values are not specifically applicable to giant stars’
envelopes (e.g. Davies & Benz 1995).
The encounter timescale (τenc) between an AGB star
and any other star in the cluster can be computed as:
τenc ≈ 7× 1010 yr10
5 pc−3
n
venc
10 kms−1
R⊙
Renc
M⊙
<M∗>
, (A1)
where n is the stellar number density, venc is the typical rel-
ative velocity at the start of the encounter, Renc is the maxi-
mum distance at which an encounter is deemed to occur and
<M∗> is the typical stellar mass (e.g. Davies & Sigurdsson
2001). We conservatively assume an envelope radius of 0.03
pc (Section A1), hence conservatively adopt Renc = 0.06 pc.
We assume venc = 22 km s
−1, or twice the radial component
of the central velocity dispersion of the cluster (Harris 2010).
Given an average stellar density within the half-light radius
of 1720 M⊙ pc
−3 and dN/dm ∝ m−1.2 (Marks & Kroupa
9 http://galex.stsci.edu/
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2010), bounded by a planetary mass (0.08 M⊙) and the max-
imum sub-giant mass (∼0.8 M⊙), we obtain <M∗> >∼ 0.2
M⊙ and n <∼ 8600 pc
−3.
We conservatively derive τenc >∼ 340 000 years, though
the possible range of values allow for τenc > 1 Myr. This is
much longer than the 2300-year envelope filling timescale.
While a fraction of stars may undergo envelope-disrupting
stellar encounters at some point in their dust-producing
phase, this is extremely unlikely to affect all four observed
stars simultaneously.
A5 Disruption in the cluster potential
A circumstellar envelope will experience tidal disruption or
‘spaghettification’ as it interacts with the cluster poten-
tial, which becomes significant once it experiences signifi-
cant differential acceleration over the filling timescale (which
is considerably shorter than the ∼1 Myr orbital period).
We can assume a 0.06-pc wide envelope in a radial orbit in
a Plummer (1911) potential of characteristic radius 7.8 pc
(Lane et al. 2010), and calculate the change in distance be-
tween opposite ends of the envelope. We find a maximum
differential acceleration of 2 × 10−11 m s−2, corresponding
to a tidal elongation of one part in 104. Tidal deformation
of the envelope is therefore negligible.
A6 Sweeping by hot Halo gas
There is a general paucity of interstellar media in globu-
lar clusters (e.g. Smith et al. 1990; van Loon et al. 2006b,
2009), with interstellar media detected in only M15 and 47
Tuc (Freire et al. 2001; Evans et al. 2003; Boyer et al. 2006;
van Loon et al. 2006b). This strongly suggests that globu-
lar clusters are efficiently cleared of their ICM by some pro-
cess, on timescales of <∼1 Myr (Boyer et al. 2008). We model
that this is because it is ionised by hot white dwarfs and
post-AGB stars, before being later cleared on slightly longer
timescales (a few Myr; (McDonald & Zijlstra 2015a)). How-
ever, this model does not include ablation by the passage of
the cluster through the hot gas of the surrounding Galactic
Halo, which is another leading contender (Faulkner & Smith
1991).
The stand-off distance of a bow shock (R0), i.e. the
minimum distance from the bow shock to an isolated, mass-
losing star, depends on four parameters: the mass-loss rate of
the star and the expansion velocity of its wind (M˙ , vexp), the
interstellar medium density (ρISM) and the relative velocity
of the star with respect to the Halo gas (v∗). R0 is given by
(Cox et al. (2012), and references therein10):
R0 =
√
M˙vexp
4piρISMv2∗
. (A2)
Depending on the rotational coupling between the
Halo and Milky Way, v∗ lies between 57 km s
−1 (co-
rotating Halo) and 190 km s−1 (non-rotating Halo)
(Krockenberger & Grindlay 1995). The internal velocity dis-
persion within 47 Tuc is negligible in comparison (11 km
10 Note that this momentum balance assumes cool Halo gas. Bal-
ancing ram pressure against gas pressure gives values of R0 about
three times larger.
s−1; Harris 2010). No good determinations exist for ρISM;
estimates at 3.1 kpc from the Galactic Plane are typi-
cally nH ∼ 0.01 cm−3, but vary by an order of magni-
tude (Albert et al. 1993). Taylor & Cordes (1993) estimate
an electron density of ne ≈ 0.007 cm−3 at this location (we
can expect ne ≈ nH in the ionised Halo gas), and the more-
recent spherical model by Miller & Bregman (2013) predicts
a lower value of ne ≈ 0.0002–0.002 cm−3.
Assuming M˙ ≈ 10−7 − 10−6 M⊙ yr−1, vexp = 4–15
km s−1 and nH ∼ 10−4 − 10−1 cm−3, R0 = 0.02–38 pc,
always greater than the expected CO shell radius. Addi-
tionally, these stars are not isolated, but are surrounded
by a hot, ionised ICM (McDonald & Zijlstra 2015a), which
should provide additional shielding out to R0 ≈ 0.3–98 pc.
We conclude that ram-pressure stripping by Halo gas should
not be effective at removing circumstellar CO envelopes.
REFERENCES
Albert C. E., Blades J. C., Morton D. C., Lockman F. J.,
Proulx M., Ferrarese L., 1993, ApJS, 88, 81
Allard F., Guillot T., Ludwig H.-G., Hauschildt P. H.,
Schweitzer A., Alexander D. R., Ferguson J. W., 2003,
in IAU Symposium, Vol. 211, Brown Dwarfs, E. Mart´ın,
ed., p. 325
Barmby P., Boyer M. L., Woodward C. E., Gehrz R. D.,
van Loon J. T., Fazio G. G., Marengo M., Polomski E.,
2009, AJ, 137, 207
Bladh S., Ho¨fner S., 2012, A&A, 546, A76
Bowen G. H., 1988, ApJ, 329, 299
Boyer M. L., McDonald I., van Loon J. T., Gordon K. D.,
Babler B., Block M., Bracker S., Engelbracht C., Hora
J., Indebetouw R., Meade M., Meixner M., Misselt K.,
Oliveira J. M., Sewilo M., Shiao B., Whitney B., 2009,
ApJ, 705, 746
Boyer M. L., McDonald I., van Loon J. T., Woodward
C. E., Gehrz R. D., Evans A., Dupree A. K., 2008, AJ,
135, 1395
Boyer M. L., McQuinn K. B. W., Barmby P., Bonanos
A. Z., Gehrz R. D., Gordon K. D., Groenewegen M. A. T.,
Lagadec E., Lennon D., Marengo M., McDonald I.,
Meixner M., Skillman E., Sloan G. C., Sonneborn G., van
Loon J. T., Zijlstra A., 2015, ApJ, 800, 51
Boyer M. L., Srinivasan S., Riebel D., McDonald I., van
Loon J. T., Clayton G. C., Gordon K. D., Meixner M.,
Sargent B. A., Sloan G. C., 2012, ApJ, 748, 40
Boyer M. L., Srinivasan S., van Loon J. T., McDonald
I., Meixner M., Zaritsky D., Gordon K. D., Kemper F.,
Babler B., Block M., Bracker S., Engelbracht C. W., Hora
J., Indebetouw R., Meade M., Misselt K., Robitaille T.,
Sewi lo M., Shiao B., Whitney B., 2011, AJ, 142, 103
Boyer M. L., van Loon J. T., McDonald I., Gordon K. D.,
Babler B., Block M., Bracker S., Engelbracht C., Hora J.,
Indebetouw R., Meade M., Meixner M., Misselt K., Sewilo
M., Shiao B., Whitney B., 2010, ApJ, 711, L99
Boyer M. L., Woodward C. E., van Loon J. T., Gordon
K. D., Evans A., Gehrz R. D., Helton L. A., Polomski
E. F., 2006, AJ, 132, 1415
Briley M. M., Harbeck D., Smith G. H., Grebel E. K., 2004,
AJ, 127, 1588
c© 9999 RAS, MNRAS 000, 1–14
CO dissociation in 47 Tucanae 13
Clark P. C., Glover S. C. O., Klessen R. S., Bonnell I. A.,
2012, MNRAS, 424, 2599
Cordero M. J., Pilachowski C. A., Johnson C. I., McDonald
I., Zijlstra A. A., Simmerer J., 2014, ApJ, 780, 94
Cox N. L. J., Kerschbaum F., van Marle A.-J., Decin L.,
Ladjal D., Mayer A., Groenewegen M. A. T., van Eck S.,
Royer P., Ottensamer R., Ueta T., Jorissen A., Mecina
M., Meliani Z., Luntzer A., Blommaert J. A. D. L., Posch
T., Vandenbussche B., Waelkens C., 2012, A&A, 537, A35
Cutri R. M., Skrutskie M. F., van Dyk S., Beichman C. A.,
Carpenter J. M., Chester T., Cambre´sy L., Evans T.,
Fowler J., Gizis J., Howard E., Huchra J., et al., 2003,
2MASS All Sky Catalog of point sources. The IRSA
2MASS All-Sky Point Source Catalog, NASA/IPAC In-
frared Science Archive.
Danilovich T., Teyssier D., Justtanont K., Olofsson H.,
Cerrigone L., Bujarrabal V., Alcolea J., Cernicharo J.,
Castro-Carrizo A., Garcia-Lario P., Marston A., 2015,
ArXiv e-prints
Davies M. B., Benz W., 1995, MNRAS, 276, 876
Davies M. B., Sigurdsson S., 2001, MNRAS, 324, 612
Dobrovolskas V., Kucˇinskas A., Bonifacio P., Korotin S. A.,
Steffen M., Sbordone L., Caffau E., Ludwig H.-G., Royer
F., Prakapavicˇius D., 2014, A&A, 565, A121
Draine B. T., 1978, ApJS, 36, 595
Draine B. T., Lee H. M., 1984, ApJ, 285, 89
Dupree A. K., Hartmann L., Avrett E. H., 1984, ApJ, 281,
L37
Evans A., Stickel M., van Loon J. T., Eyres S. P. S., Hop-
wood M. E. L., Penny A. J., 2003, A&A, 408, L9
Faulkner D. J., Smith G. H., 1991, ApJ, 380, 441
Freire P. C., Camilo F., Kramer M., Lorimer D. R., Lyne
A. G., Manchester R. N., D’Amico N., 2003, MNRAS,
340, 1359
Freire P. C., Kramer M., Lyne A. G., Camilo F., Manch-
ester R. N., d’Amico N., 2001, ApJ, 557, 105
Gilliland R. L., Brown T. M., Guhathakurta P., Sarajedini
A., Milone E. F., Albrow M. D., Baliber N. R., Bruntt H.,
Burrows A., Charbonneau D., Choi P., Cochran W. D.,
Edmonds P. D., Frandsen S., Howell J. H., Lin D. N. C.,
Marcy G. W., Mayor M., Naef D., Sigurdsson S., Stagg
C. R., Vandenberg D. A., Vogt S. S., Williams M. D.,
2000, ApJ, 545, L47
Girardi L., Williams B. F., Gilbert K. M., Rosenfield P.,
Dalcanton J. J., Marigo P., Boyer M. L., Dolphin A.,
Weisz D. R., Melbourne J., Olsen K. A. G., Seth A. C.,
Skillman E., 2010, ApJ, 724, 1030
Glass I. S., Feast M. W., 1973, MNRAS, 163, 245
Glover S. C. O., 2007, MNRAS, 379, 1352
Glover S. C. O., Clark P. C., 2012, MNRAS, 421, 9
Gnedin O. Y., Zhao H., Pringle J. E., Fall S. M., Livio M.,
Meylan G., 2002, ApJ, 568, L23
Gratton R. G., Carretta E., Bragaglia A., Lucatello S.,
D’Orazi V., 2010, A&A, 517, A81
Gratton R. G., Lucatello S., Sollima A., Carretta E., Bra-
gaglia A., Momany Y., D’Orazi V., Cassisi S., Pietrinferni
A., Salaris M., 2013, A&A, 549, A41
Groenewegen M. A. T., 2012, A&A, 543, A36
—, 2014, A&A, 561, L11
Harris W. E., 2010, ArXiv e-prints
Herwig F., 2005, ARA&A, 43, 435
Heyl J., Kalirai J., Richer H. B., Marigo P., Antolini E.,
Goldsbury R., Parada J., 2015, ArXiv e-prints
Ita Y., Matsunaga N., 2011, MNRAS, 412, 2345
Javadi A., van Loon J. T., Khosroshahi H., Mirtorabi
M. T., 2013, MNRAS, 432, 2824
Johnson C. I., McDonald I., Pilachowski C. A., Mateo M.,
Bailey III J. I., Cordero M. J., Zijlstra A. A., Crane J. D.,
Olszewski E., Shectman S. A., Thompson I., 2014, ArXiv
e-prints
Jones O. C., McDonald I., Rich R. M., Kemper F., Boyer
M. L., Zijlstra A. A., Bendo G. J., 2015, MNRAS, 446,
1584
Jura M., 1974, ApJ, 191, 375
Kalirai J. S., Saul Davis D., Richer H. B., Bergeron P.,
Catelan M., Hansen B. M. S., Rich R. M., 2009, ApJ,
705, 408
Kjeldsen H., Bedding T. R., 1995, A&A, 293, 87
Knigge C., Dieball A., Ma´ız Apella´niz J., Long K. S., Zurek
D. R., Shara M. M., 2008, ApJ, 683, 1006
Krockenberger M., Grindlay J. E., 1995, ApJ, 451, 200
Lane R. R., Kiss L. L., Lewis G. F., Ibata R. A., Siebert
A., Bedding T. R., Sze´kely P., 2010, MNRAS, 401, 2521
Lebzelter T., Nowotny W., Hinkle K. H., Ho¨fner S., Aringer
B., 2014, A&A, 567, A143
Lebzelter T., Posch T., Hinkle K., Wood P. R., Bouwman
J., 2006, ApJ, 653, L145
Lebzelter T., Wood P. R., 2005, A&A, 441, 1117
Lebzelter T., Wood P. R., Hinkle K. H., Joyce R. R., Fekel
F. C., 2005, A&A, 432, 207
Lim J., Carilli C. L., White S. M., Beasley A. J., Marson
R. G., 1998, Nature, 392, 575
Lobel A., Dupree A. K., 2000, ApJ, 545, 454
Loup C., Forveille T., Omont A., Paul J. F., 1993, A&AS,
99, 291
Mamon G. A., Glassgold A. E., Huggins P. J., 1988, ApJ,
328, 797
Marks M., Kroupa P., 2010, MNRAS, 406, 2000
Marshall J. R., van Loon J. T., Matsuura M., Wood P. R.,
Zijlstra A. A., Whitelock P. A., 2004, MNRAS, 355, 1348
Matsunaga N., Mito H., Nakada Y., Fukushi H., Tanabe´ T.,
Ita Y., Izumiura H., Matsuura M., Ueta T., Yamamura I.,
2008, PASJ, 60, 415
McDonald I., Boyer M. L., van Loon J. T., Zijlstra A. A.,
2011a, ApJ, 730, 71
McDonald I., Boyer M. L., van Loon J. T., Zijlstra A. A.,
Hora J. L., Babler B., Block M., Gordon K., Meade M.,
Meixner M., Misselt K., Robitaille T., Sewi lo M., Shiao
B., Whitney B., 2011b, ApJS, 193, 23
McDonald I., Johnson C. I., Zijlstra A. A., 2011c, MNRAS,
416, L6
McDonald I., Sloan G. C., Zijlstra A. A., Matsunaga N.,
Matsuura M., Kraemer K. E., Bernard-Salas J., Markwick
A. J., 2010, ApJ, 717, L92
McDonald I., van Loon J. T., 2007, A&A, 476, 1261
McDonald I., van Loon J. T., Decin L., Boyer M. L., Dupree
A. K., Evans A., Gehrz R. D., Woodward C. E., 2009,
MNRAS, 394, 831
McDonald I., Zijlstra A. A., 2015a, MNRAS, 446, 2226
—, 2015b, MNRAS, 448, 502
McDonald I., Zijlstra A. A., Boyer M. L., 2012, MNRAS,
427, 343
McDonald I., Zijlstra A. A., Sloan G. C., Kerins E., La-
gadec E., Minniti D., 2014, MNRAS, 439, 2618
c© 9999 RAS, MNRAS 000, 1–14
14 I. McDonald et al.
McMullin J. P., Waters B., Schiebel D., Young W., Golap
K., 2007, in Astronomical Society of the Pacific Confer-
ence Series, Vol. 376, Astronomical Data Analysis Soft-
ware and Systems XVI, Shaw R. A., Hill F., Bell D. J.,
eds., p. 127
Miller M. J., Bregman J. N., 2013, ApJ, 770, 118
Moehler S., Koester D., Zoccali M., Ferraro F. R., Heber
U., Napiwotzki R., Renzini A., 2004, A&A, 420, 515
Momany Y., Saviane I., Smette A., Bayo A., Girardi L.,
Marconi G., Milone A. P., Bressan A., 2012, A&A, 537,
A2
Nenkova M., Ivezic´ Zˇ., Elitzur M., 1999, LPI Contributions,
969, 20
Olofsson H., 2008, Ap&SS, 313, 201
Ordal M. A., Bell R. J., Alexander Jr. R. W., Newquist
L. A., Querry M. R., 1988, Applied Optics, 27, 1203
Origlia L., Ferraro F. R., Fusi Pecci F., Rood R. T., 2002,
ApJ, 571, 458
Origlia L., Gredel R., Ferraro F. R., Fusi Pecci F., 1997a,
MNRAS, 289, 948
Origlia L., Rood R. T., Fabbri S., Ferraro F. R., Fusi Pecci
F., Rich R. M., 2007, ApJ, 667, L85
Origlia L., Rood R. T., Fabbri S., Ferraro F. R., Fusi Pecci
F., Rich R. M., Dalessandro E., 2010, ApJ, 718, 522
Origlia L., Scaltriti F., Anderlucci E., Ferraro F. R., Fusi
Pecci F., 1997b, MNRAS, 292, 753
Paxton B., Bildsten L., Dotter A., Herwig F., Lesaffre P.,
Timmes F., 2011, ApJS, 192, 3
Paxton B., Cantiello M., Arras P., Bildsten L., Brown E. F.,
Dotter A., Mankovich C., Montgomery M. H., Stello D.,
Timmes F. X., Townsend R., 2013, ApJS, 208, 4
Pickering E. C., 1894, Astronomische Nachrichten, 135, 129
Plummer H. C., 1911, MNRAS, 71, 460
Ramdani A., Jorissen A., 2001, A&A, 372, 85
Ramstedt S., Scho¨ier F. L., Olofsson H., Lundgren A. A.,
2008, A&A, 487, 645
Rawlings J. M. C., Yates J. A., 2001, MNRAS, 326, 1423
Reimers D., 1975, Memoires of the Socie´te´ Royale des Sci-
ences de Lie`ge, 8, 369
Richer H. B., Fahlman G. G., Ibata R. A., Pryor C., Bell
R. A., Bolte M., Bond H. E., Harris W. E., Hesser J. E.,
Holland S., Ivanans N., Mandushev G., Stetson P. B.,
Wood M. A., 1997, ApJ, 484, 741
Riebel D., Meixner M., Fraser O., Srinivasan S., Cook K.,
Vijh U., 2010, ApJ, 723, 1195
Roediger J. C., Courteau S., Graves G., Schiavon R. P.,
2014, ApJS, 210, 10
Rybicki G. B., Hummer D. G., 1991, A&A, 245, 171
Sawyer Hogg H., 1973, Publications of the David Dunlap
Observatory, 3, 6
Scharmer G. B., Carlsson M., 1985, Journal of Computa-
tional Physics, 59, 56
Scho¨ier F. L., Olofsson H., 2001, A&A, 368, 969
Schro¨der K.-P., Cuntz M., 2005, ApJ, 630, L73
Sloan G. C., Matsunaga N., Matsuura M., Zijlstra A. A.,
Kraemer K. E., Wood P. R., Nieusma J., Bernard-Salas
J., Devost D., Houck J. R., 2010, ApJ, 719, 1274
Sloan G. C., Matsuura M., Lagadec E., van Loon J. T.,
Kraemer K. E., McDonald I., Groenewegen M. A. T.,
Wood P. R., Bernard-Salas J., Zijlstra A. A., 2012, ApJ,
752, 140
Smith G. H., Wood P. R., Faulkner D. J., Wright A. E.,
1990, ApJ, 353, 168
Smith R. J., Glover S. C. O., Klessen R. S., 2014, MNRAS,
445, 2900
Springel V., 2010, MNRAS, 401, 791
Spurzem R., Giersz M., Heggie D. C., Lin D. N. C., 2009,
ApJ, 697, 458
Taylor J. H., Cordes J. M., 1993, ApJ, 411, 674
Thygesen A. O., Sbordone L., Andrievsky S., Korotin S.,
Yong D., Zaggia S., Ludwig H.-G., Collet R., Asplund
M., D’Antona F., Mele´ndez J., D’Ercole A., 2014, ArXiv
e-prints
Cˇerniauskas A., Kucˇinskas A., Bonifacio P., Andrievsky
S. M., Korotin S. A., Dobrovolskas V., 2014, ArXiv e-
prints
van Loon J. T., McDonald I., Oliveira J. M., Evans A.,
Boyer M. L., Gehrz R. D., Polomski E., Woodward C. E.,
2006a, A&A, 450, 339
van Loon J. T., Stanimirovic´ S., Evans A., Muller E.,
2006b, MNRAS, 365, 1277
van Loon J. T., Stanimirovic´ S., Putman M. E., Peek
J. E. G., Gibson S. J., Douglas K. A., Korpela E. J., 2009,
MNRAS, 396, 1096
Weldrake D. T. F., Sackett P. D., Bridges T. J., Freeman
K. C., 2005, ApJ, 620, 1043
Winters J. M., le Bertre T., Jeong K. S., Helling C., Sedl-
mayr E., 2000, A&A, 361, 641
Winters J. M., Le Bertre T., Jeong K. S., Nyman L.-A˚.,
Epchtein N., 2003, A&A, 409, 715
Wood P. R., 1979, ApJ, 227, 220
Worley C. C., Cottrell P. L., McDonald I., van Loon J. T.,
2010, MNRAS, 402, 2060
Zhukovska S., Petrov M., Henning T., 2015, ArXiv e-prints
c© 9999 RAS, MNRAS 000, 1–14
